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Mass	  in	  Standard	  Model	
	  
LeM-‐handed: 	   	  Right-‐handed：　　　　	  
　　　　　	  
• Mass	  term	  in	  SM	  
electron:	  
	  
	  
neutrino:	  

�Lmass = yLL�eR + h.c.

�Lmass = yLL�̃⌫R + h.c.

2.1.2 Weinberg-Salam理論
レプトンの電弱相互作用は、SU(2)L × U(1)Y の対称性を保つラグランジアンで記述される。

L =iLαL "DLαL + ilαR "DlαR

− 1

4
W a

µνW
aµν − 1

4
BµνB

µν

− ylαβLαLΦlβR − yl∗αβlβRΦ
†LαL

+ (DµΦ)
†(DµΦ)− λ(Φ†Φ− v2)2

(2.21)

ただし添字は α,β = e, µ, τ, a = 1, 2, 3で和を取る。共変微分と場の強さは

Dµ = ∂µ + igW a
µT

a + ig′BµY, T a =
1

2
σi, (2.22)

W a
µν = ∂µW

a
ν − ∂νW

a
µ + gεabcW b

µW
c
ν , (2.23)

Ba
µν = ∂µBν − ∂νBµ (2.24)

である。Higgs場 Φは、自己ポテンシャルによって次の真空期待値を持つ。

〈Φ〉 =
(
0

v

)
(2.25)

これにより SU(2)L × U(1)Y 対称性は U(1)Q に破れる。ただし電荷を

Q ≡ T3 + Y (2.26)

で定義する。Qに結合するゲージ場
Aµ ∝ 1

g
W 3

µ +
1

g′
Bµ (2.27)

は質量を持たないままで、それに直交する場 Zµ は質量を持つ。その混合角を θW とおくと
(
Aµ

Zµ

)
≡
(

cos θW sin θW

− sin θW cos θW

)(
Bµ

W 3
µ

)
, tan θW =

g′

g
(2.28)

となる。また、
W± ≡ W 1 ∓ iW 2

√
2

(2.29)

と定義すると、ラグランジアンのうちレプトンとゲージ場の相互作用の部分は

LI =− LLγ
µ(gW i

µT
a + g′BµY )LL − lRγ

µg′BµY lR

=− LLgγ
µ

[
sin θWQAµ + cos θW (T3 − tan2 θWY )Zµ +

1√
2
(T1 − iT2)W

−
µ +

1√
2
(T1 + iT2)W

+
µ

]
LL

− lRγ
µg tan θWQ(cos θWAµ − sin θWZµ)LL (2.30)

=L CC
I + L γ

I + L Z
I , (2.31)

L CC
I =− g

2
√
2
(jµWWµ + jµ†WWµ) (2.32)

L Z
I =− g

2 cos θW
jµZZµ (2.33)

L γ
I =− g sin θW jµγAµ = −ejµγAµ, (2.34)

jµW =2νLγ
µlL (2.35)

jµZ =2LLγ
µ(T3 − sin2 θWQ)LL + 2lRγ

µ(− sin2 θWQ)lR

=νLγ
µνL + 2(−1

2
+ sin2 θW )lLγ

µlL + 2 sin2 θW lRγ
µlR (2.36)

jµγ =Qlγµl = −lγµl (2.37)

となる。世代の和についての添字は省略した。
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m(eLeR + eReL)

LL ⌘
✓
⌫L
eL

◆

νR	  is	  not	  in	  SM,	  so	  neutrino	  mass	  =	  0	
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Mo8va8on	
ν	  mass	  by	  experiment:	  
	  
	  

	   	  νR	  can	  explain	  neutrino	  mass	  
	  
Problem	  in	  cosmology:	  	  

	  ・Dark	  maDer	  
	  ・MaDer-‐an8-‐maDer	  	  asymmetry	  

	  
	  Q.	  All	  solved	  by	  νR	  ? 	   	   	  A.	  YES	  (Conclusion)	  

m2
2 �m2

1 = (0.00868eV)2

m2
2 �m2

1 = (0.00868eV)2m2
3 � (m2

2 +m2
1)/2 = (0.0494eV)2

(‘13	  Cappozi	  et.	  al.)	

ESA/Planck	
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Neutrino	  mass	

となる。これが観測値 (2.143)に等しい事から、

ε = −6.1× 10−7 M1

keV
(5.54)

となれば良い。
3.1.1節での議論により、yα1 ∼ 10−11 $ yα3 と予測できるので、CP の破れが現れるダイアグラム (図 3.1)のうち

中間状態の重いニュートリノとしてN1 が飛ぶものの寄与は無視できる。(3.66)より

ε = − 1

8π

Im[((ỹ†ỹ)32)2]

(ỹ†ỹ)22
g(M2

3 /M
2
2 ) (5.55)

となる。(5.44), (5.54)を用いると、暗黒物質とバリオンの量が適切になる湯川結合定数は

Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.108)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1

2

(
νL νcR

)(ML yv

yT v MR

)(
νcL
νR

)
+ h.c. (5.61)

左巻きニュートリノのMajorana質量項は標準模型の SU(2)L ゲージ対称性を破っているが、標準模型を超えた理論
に含まれる場が真空期待値を持つ事によって現れる場合がある (5.2.3参照)。O(MLM

−1
R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MNV ∗ (5.65)

MN = MR (5.66)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
一章で与えた (2.71)。Left-Right模型等、一般には右巻きニュートリノのフレーバーを変換する自由度は残っていな
いので、第 3章と異なり V '= 1である。
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Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.108)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1
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)(ML yv

yT v MR

)(
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R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MRV

∗ (5.65)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
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5.2 パラメータ
本節で、ニュートリノ質量の条件 (5.64)、暗黒物質の量についての条件 (5.44)(5.76)、バリオンの量による条件 (5.56)

を同時に満たすパラメータ領域を求める。
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General	  mass	  term	  
	  
	  
	  
Block	  diagonaliza8on	  (ML,yv<<MR)	  
	  
	  
	  
mν	  and	  MN	  are	  diagonalized	  by	  mixing	  matrix	  U,	  V	

(3.8)から、湯川結合定数と重いニュートリノの質量の間に関係がつく。

MN =
y2v2

mν
= 6× 1014y2GeV

0.05eV

mν
(3.9)

いくつか例を挙げる。mν = 0.05eV とする。(i)y = 1 のとき、MN = 6 × 1014GeV となり大統一理論のスケール
∼ 1015GeVに近く、右巻きニュートリノのMajorana質量項が大統一理論から現れる可能性を示唆する。(ii)湯川結
合定数が標準模型で最も小さい電子 (ye = 3 × 10−6)と同程度の場合、MN = 5 × 103GeVとなる。(iii)後に質量が
O(1)keVの重いニュートリノが暗黒物質の候補となる事を見る。MN = 1keVとなるのは y ∼ 4×10−11のときである。
一般に左巻きニュートリノが 3世代、右巻きニュートリノが Ng 世代ある場合、ニュートリノの質量項を行列の形

で表すと

−Lν,mass =
1

2

(
νL νcR

)( 0 mD

mT
D MR

)(
νcL
νR

)
+ h.c. (3.10)

となる。ただし

νcRIν
c
Lα = νLανRI (3.11)

を用いた。α = e, µ, τ, I = 1, 2, . . . Ng であり、mD は 3×Ng 行列、MR は Ng ×Ng 行列である。質量固有状態を求
める。Majorana質量項は Dirac質量項よりも大きい事、すなわち

θ ≡ mDM−1 % O(1) (3.12)

を仮定する。また、(3.10)の質量行列をMとおく。質量固有状態を求めるため、まず次のようにブロック対角化を
する。

U†
1MU∗

1 =

(
mν 0

0 MN

)
+O(θ3MN ), (3.13)

U1 =

(
1− 1

2θθ
† θ

−θ† 1− 1
2θ

†θ

)
(3.14)

mν = −mDM−1
R mT

D (3.15)

MN = MR +
1

2
(θ†θMR +MRθ

Tθ∗) (3.16)

θはアクティブ-ステライル混合行列と呼ばれ、|θαI | % 1である。これをさらに世代空間でユニタリー変換することで
質量行列は完全に対角化される。

U †mνU
∗ = mdiag

ν (3.17)

V †MNV ∗ = Mdiag
N (3.18)

−Lmass =
1

2

(
νL ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c. (3.19)

(
νcL
νR

)
= U∗

1

(
U∗ 0

0 V ∗

)(
ν′cL
ν′R

)
(3.20)

U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第一章で与えた
(2.71)。また、(3.16)からMN & MR である。MR は νR のユニタリ変換によってあらかじめ対角化しておく事が出
来るので、V & 1である。この質量固有状態のうち、主に左巻きニュートリノからなる固有状態は軽いニュートリノ
（またはアクティブニュートリノ）、主に右巻きニュートリノからなる固有状態は重いニュートリノ（またはステライ
ルニュートリノ）と呼ばれる。
ニュートリノの質量は少なくとも 2種類ある。このため、右巻きニュートリノは 2世代以上必要である。もし 1世

代とすると、(3.15)より軽いニュートリノの質量行列は

mναβ = −mDα1mDβ1/M1 (3.21)

となる。この行列は階数が 1であり、固有値は

{0, 0,Tr[mν ] = −(m2
D11 +m2

D21 +m2
D31)/M1} (3.22)

となり質量は 1種類しか得られない。
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MN ' MR

mdiag
⌫ = U†m⌫U

⇤

MN	

mν	

:light	  
:heavy	

(0)	
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Interac8on	  of	  νR	

• νR	  interact	  weakly	  by	  mixing	  with	  νL	  -‐>	  Dark	  maDer	  
	  
Life	  8me:	

Weak	  
interac.on	

Electromagne.c	  
	  interac.on	

eL	 ○	 ○	

eR	 ×	 ○	

νL	 ○	 ×	

νR	 ×	 ×	

⌧ ⇠ 107⌧U (for M1 = 7keV,⇥2
1 = 10

�10
)
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Produc8on	  of	  νR1	  DM	

Assump8on	  1:	  νR	  were	  in	  thermal	  equilibrium	  
-‐>	  Introduce	  new	  gauge	  interac8on	  
	  (e.g.,	  LeM-‐right	  model,	  GUT)	  
-‐>	  DM	  is	  thermal	  relic	  

	  
Advantage	  of	  thermal	  relic:	  
1.  No	  need	  for	  assuming	  ini8al	  abundance	  of	  νR	  
2.  Simple	  calcula8on	  of	  abundance	  today	  
3.  Colder	  than	  other	  mechanism	  (‘94	  Dodelson,	  Widrow)	  

	  -‐>weaker	  constraint	  from	  Ly-‐α	  

e+R

e−R

νR

νR

WR
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Produc8on	  of	  νR1	  DM	

• Problem	  of	  thermal	  relic:	  Over	  produc8on	  

	   	   	   	   	   	   	  :	  constant	  

• Solu8on:	  Diluted	  by	  Entropy	  produc8on	  	  

Assump8on	  2:	  νR2	  decay	  produce	  entropy	  

⌦N1 & 10⌦DM

第5章 ゲージ相互作用をする右巻きニュートリノ

第 3章で述べたように、質量が keV程度の重いニュートリノ N1 は暗黒物質になり得る。振動とは別の生成方法と
して、本章では熱的残存粒子である場合を考える。また、レプトジェネシスと両立するパラメータ領域が存在するこ
とを示す。基本的なアイデアは Bezrukovらによって提案されたもの [51]に基づいているが、この模型が可能である
パラメータが存在する事を示したのは本論文が初めてである。

5.1 レプトジェネシス、暗黒物質
本節では次のような流れを考える。
拡張されたゲージ相互作用により、右巻きニュートリノは熱平衡に達していたと仮定する。その場合、暗黒物質の

N1 の量は多過ぎてしまう。そこで、2番目に重い右巻きニュートリノ N2 の崩壊によるレプトジェネシスの際に生じ
るエントロピー生成によって薄まる事で、N1 の量が適切になったと考える。
考えている温度スケールについて先に述べておく。

Tf > M2(! 109GeV) > Tdecay > Tsp ∼ 100GeV (5.1)

Tf は右巻きニュートリノが熱浴から脱結合する温度、Tdecay は N2 の崩壊後の温度、Tsp はスファレロン過程が有効
な温度の下限である。

5.1.1 暗黒物質
まず、熱平衡に達していた N1 の残存量を求める。
右巻きニュートリノと熱浴との相互作用の反応レートは

Γth = 〈σvnN 〉 ≈ g2R
M ′4T

5 (5.2)

である。gR は右巻きニュートリノのゲージ相互作用の結合定数、M ′ はそのゲージ場の質量である。これはハッブル
レートH よりも速く温度とともに減少し、H 以下になったときに右巻きニュートリノは熱浴から分離する。その温度
Tf は、Γth = H より

g2R
M ′4T

5
f ∼ 0.331

√
g∗f

T 2
f

Mp
(5.3)

=⇒ Tf ∼ g−2/3
R

(
M ′

1012GeV

)4/3

1010GeV (5.4)

となる。g∗f & 110である。N2 が相対論的に脱結合する条件 Tf > M2 から

g−1/2
R

(
M ′

1012GeV

)
! 2

(
M2

109GeV

)3/4

(5.5)

である。MN1 ' Tf なので、N1 も相対論的な状態で分離する。よって、
nN1

s
=

1

g∗f

135ζ(3)

4π4
=

0.416

g∗f
(5.6)

である。エントロピーの生成が無ければこれは一定であり、現在のN1 の残存量は、(2.207)より

ΩN1 =
nN1

s

∣∣∣
f

M1s0
ρcr

(5.7)

= 9.5
110

g∗f

M1

keV
ΩDM (5.8)
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Thermal	  history	
n/s	

T	

freeze	  out	  
Tf	

M2>	  
109GeV	

Tdecay>106GeV	

0.416/g*f	

ρDM/M1	

0.86x10-‐10	

T0	

N1-‐>DM	

Baryon	

N2	  decay	

νR1,νR2	  was	  in	  equilibrium	  
	  
	  
νR2	  decay	  produce	  baryon	  and	  dilute	  νR1	  	  

(’13	  Bezrukov,Kartavtsev,Lindner)	  	

N２	

parameters	  considering	  mν	  (this	  work)	
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Entropy	  produc8on	

	  
Ra8o	  of	  entropy	  
	  before	  and	  aMer	  νR2	  decay：	  
	  
	  
	  
	  
	  

NI LLα

Φ

LLβ

Φ∗

NJ

Φ∗

LLβ

Φ

LLβ

NJNJNI

Φ

LLα LLα

LLα

Φ

Φ

(a)

(c) (d)

(b)

NI

NI

図 3.1: N → LΦ

1 10 100 1000
x

-3

-2

-1

1

2

図 3.2: g(x)（実線）およびその漸近式 − 3
2
√
x
（点線）。

温度による効果を無視すると、εは

εIα =
|M(NI → LαΦ)|2 − |M(NI → LαΦ∗)|2

∑
α{|M(NI → LαΦ)|2 + |M(NI → LαΦ∗)|2}

(3.35)

これは、図 3.1の 1ループまでの計算により、次を得る (付録 E 参照)。

εIα =
1

8π

1

(y†y)II

∑

J

{
Im(yαIy

∗
αJ (y

†y)JI)g

(
M2

J

M2
I

)
+ Im(yαIy

∗
αJ(y

†y)IJ)
M2

I

M2
I −M2

J

}
(3.36)

ただし、

g(x) ≡
√
x

(
1

1− x
+ 1− (1 + x) ln

1 + x

x

)
(3.37)

と定義した。この関数は図 3.2のように振る舞う。
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Nが相対論的に脱結合していた場合、

YNi =
0.416

g∗f
(5.40)

より、崩壊前後のエントロピー比は

Se

Si
= 0.34

ḡ1/4∗ MN

g∗f
√

ΓMp
(5.41)

となる。
N2 の崩壊によって、N1 が暗黒物質になる条件 (5.10)を満たすとき、崩壊レートは

ΓN2 = 1.0× 10−7ḡ1/2∗
M2

2

Mp

(
keV

M1

)2

(5.42)

となる。
ここで、崩壊レートの式 (F.10)

ΓN2 =
(ỹ†ỹ)22
8π

M2 (5.43)

を用いる。ỹ ≡ yV ∗ で、V は右巻きニュートリノの質量行列を対角化する行列である。(5.42)を湯川結合定数の条件
に書き直すと

(ỹ†ỹ)22 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.44)

となる。この式から ỹα2 ! 10−7 程度と分かる。

5.1.3 レプトジェネシス
N2 の崩壊によって作られるレプトン数は、(3.62)より

nL,enda
3
end = εnN2,ia

3
i (5.45)

である。今はエントロピー生成を考えているので、N2 の崩壊に依って生成したレプトン数の存在比は

nL

s
=

nL,enda3end
Send

(5.46)

=
εnN2,ia

3
i

Send
(5.47)

= ε
Si

Se

nN2,i

si
(5.48)

= ε
Si

Se

0.416

g∗
(5.49)

となる。ここで、暗黒物質の量を適切にするエントロピーの条件 (5.10)を用いると、

YL = ε

(
9.5

110

g∗f

M1

keV

)−1 0.416

g∗
(5.50)

= 3.98× 10−4ε

(
keV

M1

)
(5.51)

となる。このレプトン数の一部がスファレロン過程によってバリオン数に変換される。結局、生成したバリオン数の
存在比は

YB = −28

79
YL (5.52)

= −1.4× 10−4ε

(
keV

M1

)
(5.53)

43

ỹ↵I ⌘ (yV ⇤)↵I

(1)	

Nが相対論的に脱結合していた場合、

YNi =
0.416

g∗f
(5.40)

より、崩壊前後のエントロピー比は

Se

Si
= 0.34

ḡ1/4∗ MN

g∗f
√

ΓMp
(5.41)

となる。
N2 の崩壊によって、N1 が暗黒物質になる条件 (5.10)を満たすとき、崩壊レートは

ΓN2 = 1.0× 10−7ḡ1/2∗
M2

2

Mp

(
keV

M1

)2

(5.42)

となる。
ここで、崩壊レートの式 (F.10)

ΓN2 =
(ỹ†ỹ)22
8π

M2 (5.43)

を用いる。ỹ ≡ yV ∗ で、V は右巻きニュートリノの質量行列を対角化する行列である。(5.42)を湯川結合定数の条件
に書き直すと

(ỹ†ỹ)22 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.44)

となる。この式から ỹα2 ! 10−7 程度と分かる。

5.1.3 レプトジェネシス
N2 の崩壊によって作られるレプトン数は、(3.62)より

nL,enda
3
end = εnN2,ia

3
i (5.45)

である。今はエントロピー生成を考えているので、N2 の崩壊に依って生成したレプトン数の存在比は

nL

s
=

nL,enda3end
Send

(5.46)

=
εnN2,ia

3
i

Send
(5.47)

= ε
Si

Se

nN2,i

si
(5.48)

= ε
Si

Se

0.416

g∗
(5.49)

となる。ここで、暗黒物質の量を適切にするエントロピーの条件 (5.10)を用いると、

YL = ε

(
9.5

110

g∗f

M1

keV

)−1 0.416

g∗
(5.50)

= 3.98× 10−4ε

(
keV

M1

)
(5.51)

となる。このレプトン数の一部がスファレロン過程によってバリオン数に変換される。結局、生成したバリオン数の
存在比は

YB = −28

79
YL (5.52)

= −1.4× 10−4ε

(
keV

M1

)
(5.53)

43

10 ⇠ S
after

S
before
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�
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MaDer-‐an8maDer	  asymmetry	
となる。これが観測値 (2.143)に等しい事から、

ε = −6.1× 10−7 M1

keV
(5.54)

となれば良い。
3.1.1節での議論により、yα1 ∼ 10−11 $ yα3 と予測できるので、CP の破れが現れるダイアグラム (図 3.1)のうち

中間状態の重いニュートリノとしてN1 が飛ぶものの寄与は無視できる。(3.66)より

ε = − 1

8π

Im[((ỹ†ỹ)32)2]

(ỹ†ỹ)22
g(M2

3 /M
2
2 ) (5.55)

となる。(5.44), (5.54)を用いると、暗黒物質とバリオンの量が適切になる湯川結合定数は

Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.109)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1

2

(
νL νcR

)(ML yv

yT v MR

)(
νcL
νR

)
+ h.c. (5.61)

左巻きニュートリノのMajorana質量項は標準模型の SU(2)L ゲージ対称性を破っているが、標準模型を超えた理論
に含まれる場が真空期待値を持つ事によって現れる場合がある (5.2.3参照)。O(MLM

−1
R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MNV ∗ (5.65)

MN = MR (5.66)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
一章で与えた (2.71)。Left-Right模型等、一般には右巻きニュートリノのフレーバーを変換する自由度は残っていな
いので、第 3章と異なり V '= 1である。

44

N2	  decays	  into	  lepton	  and	  an8-‐lepton	  
	  

	  	  
	  
	  
Ra8o: 	   	   	   	  1,000,000,000 	   	  　　： 	  1,000,000,001	  
Baryon	  number:	  
	  
	  
	  
By	  1-‐loop	  calcula8on	  of	  ε,	

Nが相対論的に脱結合していた場合、

YNi =
0.416

g∗f
(5.40)

より、崩壊前後のエントロピー比は

Se

Si
= 0.34

ḡ1/4∗ MN

g∗f
√

ΓMp
(5.41)

となる。
N2 の崩壊によって、N1 が暗黒物質になる条件 (5.10)を満たすとき、崩壊レートは

ΓN2 = 1.0× 10−7ḡ1/2∗
M2

2

Mp

(
keV

M1

)2

(5.42)

となる。
ここで、崩壊レートの式 (F.10)

ΓN2 =
(ỹ†ỹ)22
8π

M2 (5.43)

を用いる。ỹ ≡ yV ∗ で、V は右巻きニュートリノの質量行列を対角化する行列である。(5.42)を湯川結合定数の条件
に書き直すと

(ỹ†ỹ)22 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.44)

となる。この式から ỹα2 ! 10−7 程度と分かる。

5.1.3 レプトジェネシス
N2 の崩壊によって作られるレプトン数は、(3.62)より

nL,enda
3
end = εnN2,ia

3
i (5.45)

である。今はエントロピー生成を考えているので、N2 の崩壊に依って生成したレプトン数の存在比は

nL

s
=

nL,enda3end
Send

(5.46)

=
εnN2,ia

3
i

Send
(5.47)

= ε
Si

Se

nN2,i

si
(5.48)

= ε
Si

Se

0.416

g∗
(5.49)

となる。ここで、暗黒物質の量を適切にするエントロピーの条件 (5.10)を用いると、

YL = ε

(
9.5

110

g∗f

M1

keV

)−1 0.416

g∗
(5.50)

= 3.98× 10−4ε

(
keV

M1

)
(5.51)

となる。このレプトン数の一部がスファレロン過程によってバリオン数に変換される。結局、生成したバリオン数の
存在比は

YB = −28

79
YL (5.52)

= −1.4× 10−4ε

(
keV

M1

)
(5.53)
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NI LLα

Φ

LLβ

Φ∗

NJ

Φ∗

LLβ

Φ

LLβ

NJNJNI

Φ

LLα LLα

LLα

Φ

Φ

(a)

(c) (d)

(b)

NI

NI

図 3.1: N → LΦ

1 10 100 1000
x

-3

-2

-1

1

2

図 3.2: g(x)（実線）およびその漸近式 − 3
2
√
x
（点線）。

温度による効果を無視すると、εは

εIα =
|M(NI → LαΦ)|2 − |M(NI → LαΦ∗)|2

∑
α{|M(NI → LαΦ)|2 + |M(NI → LαΦ∗)|2}

(3.35)

これは、図 3.1の 1ループまでの計算により、次を得る (付録 E 参照)。

εIα =
1

8π

1

(y†y)II

∑

J

{
Im(yαIy

∗
αJ (y

†y)JI)g

(
M2

J

M2
I

)
+ Im(yαIy

∗
αJ(y

†y)IJ)
M2

I

M2
I −M2

J

}
(3.36)

ただし、

g(x) ≡
√
x

(
1

1− x
+ 1− (1 + x) ln

1 + x

x

)
(3.37)

と定義した。この関数は図 3.2のように振る舞う。

23

NI LLα

Φ

LLβ

Φ∗

NJ

Φ∗

LLβ

Φ

LLβ

NJNJNI

Φ

LLα LLα

LLα

Φ

Φ

(a)

(c) (d)

(b)

NI

NI

図 3.1: N → LΦ

1 10 100 1000
x

-3

-2

-1

1

2

図 3.2: g(x)（実線）およびその漸近式 − 3
2
√
x
（点線）。

温度による効果を無視すると、εは

εIα =
|M(NI → LαΦ)|2 − |M(NI → LαΦ∗)|2

∑
α{|M(NI → LαΦ)|2 + |M(NI → LαΦ∗)|2}

(3.35)

これは、図 3.1の 1ループまでの計算により、次を得る (付録 E 参照)。

εIα =
1

8π

1

(y†y)II

∑

J

{
Im(yαIy

∗
αJ (y

†y)JI)g

(
M2

J

M2
I

)
+ Im(yαIy

∗
αJ(y

†y)IJ)
M2

I

M2
I −M2

J

}
(3.36)

ただし、

g(x) ≡
√
x

(
1

1− x
+ 1− (1 + x) ln

1 + x

x

)
(3.37)

と定義した。この関数は図 3.2のように振る舞う。
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*	

✏ /
ỹ↵I ⌘ (yV ⇤)↵I ỹ↵I ⌘ (yV ⇤)↵I

*	

(2)	

nB

s
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Parameter	
Condi8on:	  
1.  Neutrino	  mass	  

2.  Dark	  maDer	  

3.  MaDer	  asymmetry	

となる。これが観測値 (2.143)に等しい事から、

ε = −6.1× 10−7 M1

keV
(5.54)

となれば良い。
3.1.1節での議論により、yα1 ∼ 10−11 $ yα3 と予測できるので、CP の破れが現れるダイアグラム (図 3.1)のうち

中間状態の重いニュートリノとしてN1 が飛ぶものの寄与は無視できる。(3.66)より

ε = − 1

8π

Im[((ỹ†ỹ)32)2]

(ỹ†ỹ)22
g(M2

3 /M
2
2 ) (5.55)

となる。(5.44), (5.54)を用いると、暗黒物質とバリオンの量が適切になる湯川結合定数は

Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.108)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1

2

(
νL νcR

)(ML yv

yT v MR

)(
νcL
νR

)
+ h.c. (5.61)

左巻きニュートリノのMajorana質量項は標準模型の SU(2)L ゲージ対称性を破っているが、標準模型を超えた理論
に含まれる場が真空期待値を持つ事によって現れる場合がある (5.2.3参照)。O(MLM

−1
R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MNV ∗ (5.65)

MN = MR (5.66)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
一章で与えた (2.71)。Left-Right模型等、一般には右巻きニュートリノのフレーバーを変換する自由度は残っていな
いので、第 3章と異なり V '= 1である。
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Nが相対論的に脱結合していた場合、

YNi =
0.416

g∗f
(5.40)

より、崩壊前後のエントロピー比は

Se

Si
= 0.34

ḡ1/4∗ MN

g∗f
√

ΓMp
(5.41)

となる。
N2 の崩壊によって、N1 が暗黒物質になる条件 (5.10)を満たすとき、崩壊レートは

ΓN2 = 1.0× 10−7ḡ1/2∗
M2

2

Mp

(
keV

M1

)2

(5.42)

となる。
ここで、崩壊レートの式 (F.10)

ΓN2 =
(ỹ†ỹ)22
8π

M2 (5.43)

を用いる。ỹ ≡ yV ∗ で、V は右巻きニュートリノの質量行列を対角化する行列である。(5.42)を湯川結合定数の条件
に書き直すと

(ỹ†ỹ)22 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.44)

となる。この式から ỹα2 ! 10−7 程度と分かる。

5.1.3 レプトジェネシス
N2 の崩壊によって作られるレプトン数は、(3.62)より

nL,enda
3
end = εnN2,ia

3
i (5.45)

である。今はエントロピー生成を考えているので、N2 の崩壊に依って生成したレプトン数の存在比は

nL

s
=

nL,enda3end
Send

(5.46)

=
εnN2,ia

3
i

Send
(5.47)

= ε
Si

Se

nN2,i

si
(5.48)

= ε
Si

Se

0.416

g∗
(5.49)

となる。ここで、暗黒物質の量を適切にするエントロピーの条件 (5.10)を用いると、

YL = ε

(
9.5

110

g∗f

M1

keV

)−1 0.416

g∗
(5.50)

= 3.98× 10−4ε

(
keV

M1

)
(5.51)

となる。このレプトン数の一部がスファレロン過程によってバリオン数に変換される。結局、生成したバリオン数の
存在比は

YB = −28

79
YL (5.52)

= −1.4× 10−4ε

(
keV

M1

)
(5.53)
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となる。これが観測値 (2.143)に等しい事から、

ε = −6.1× 10−7 M1

keV
(5.54)

となれば良い。
3.1.1節での議論により、yα1 ∼ 10−11 $ yα3 と予測できるので、CP の破れが現れるダイアグラム (図 3.1)のうち

中間状態の重いニュートリノとしてN1 が飛ぶものの寄与は無視できる。(3.66)より

ε = − 1

8π

Im[((ỹ†ỹ)32)2]

(ỹ†ỹ)22
g(M2

3 /M
2
2 ) (5.55)

となる。(5.44), (5.54)を用いると、暗黒物質とバリオンの量が適切になる湯川結合定数は

Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.109)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1

2

(
νL νcR

)(ML yv

yT v MR

)(
νcL
νR

)
+ h.c. (5.61)

左巻きニュートリノのMajorana質量項は標準模型の SU(2)L ゲージ対称性を破っているが、標準模型を超えた理論
に含まれる場が真空期待値を持つ事によって現れる場合がある (5.2.3参照)。O(MLM

−1
R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MNV ∗ (5.65)

MN = MR (5.66)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
一章で与えた (2.71)。Left-Right模型等、一般には右巻きニュートリノのフレーバーを変換する自由度は残っていな
いので、第 3章と異なり V '= 1である。
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(2)	

(0)	

(1)	

となる。これが観測値 (2.143)に等しい事から、

ε = −6.1× 10−7 M1

keV
(5.54)

となれば良い。
3.1.1節での議論により、yα1 ∼ 10−11 $ yα3 と予測できるので、CP の破れが現れるダイアグラム (図 3.1)のうち

中間状態の重いニュートリノとしてN1 が飛ぶものの寄与は無視できる。(3.66)より

ε = − 1

8π

Im[((ỹ†ỹ)32)2]

(ỹ†ỹ)22
g(M2

3 /M
2
2 ) (5.55)

となる。(5.44), (5.54)を用いると、暗黒物質とバリオンの量が適切になる湯川結合定数は

Im[(ỹ†ỹ)232] = 1.66× 10−19 keV

M1

M2

109GeV

1

g(M2
3 /M

2
2 )

(5.56)

となる。
スファレロン過程によってレプトン数がバリオン数に変換されるためには、崩壊が終わった時（H ∼ ΓN2）の温度

Tr がスファレロンの凍結する温度（T % 100GeV）よりも高い必要がある。Friedmann方程式 (2.199)と (5.42)より

Tr =

√
1

0.331
√
g∗

ΓN2Mp (5.57)

= 5.49× 10−4 g
1/2
∗

g1/4∗
M2

keV

M1
(5.58)

! 100GeV (5.59)

となるので、M2 の制限

M2 > 2× 104GeV
M1

keV
(5.60)

が得られる。ただし、後にM2 ! 109GeV程度である事を見る (5.108)。

5.1.4 ニュートリノ質量
ここでは、第 3章で考えたラグランジアンよりもさらに一般的に、左巻きニュートリノのMajorana質量項もある

場合を考える。

−Lmass =
1

2

(
νL νcR

)(ML yv

yT v MR

)(
νcL
νR

)
+ h.c. (5.61)

左巻きニュートリノのMajorana質量項は標準模型の SU(2)L ゲージ対称性を破っているが、標準模型を超えた理論
に含まれる場が真空期待値を持つ事によって現れる場合がある (5.2.3参照)。O(MLM

−1
R , yv(MR)−1) $ 1のとき、基

底を質量固有状態に取ると、シーソー関係式

−Lmass =
1

2

(
ν′L ν′cR

)(mdiag
ν 0

0 Mdiag
N

)(
ν′cL
ν′R

)
+ h.c., (5.62)

mdiag
ν = U †mνU

∗ (5.63)

mν = ML − v2yM−1
R yT (5.64)

Mdiag
N = V †MNV ∗ (5.65)

MN = MR (5.66)

が得られる。U, V はそれぞれ左巻き、右巻きのニュートリノ世代間の混合を表すユニタリー行列であり、U は既に第
一章で与えた (2.71)。Left-Right模型等、一般には右巻きニュートリノのフレーバーを変換する自由度は残っていな
いので、第 3章と異なり V '= 1である。
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Result	
Masses	  of	  νR:	  
	  
	  
Yukawa	  coupling:	  
	  
	  
	  
Mixing	  of	  N1	  

⇥2
1 =

(ỹy)11v2

M2
1

M1 ⇠ keV, M2 & 109GeV

R ⇠

0

@
0 1 0
1 0 0
0 0 1

1

A

5.2.1 パラメータへの制限
Casas-Ibarraパラメタリゼーションにより、シーソー関係式 (5.64)を満たす ỹ = yV ∗ は次のように表せる (B.10)。

ỹv = iVν(X
diag
ν )1/2R(Mdiag

R )1/2 (5.66)

Rは RRT = 1を満たす任意の行列である。

v2(ỹ†ỹ)IJ =

(√
Mdiag

N R†
√
Xdiag
ν V †

ν Vν

√
Xdiag
ν R

√
Mdiag

N

)

IJ

(5.67)

=
√
MIMJ

∑

j

XjR
∗
jIRjJ (5.68)

となる。
(5.44)より、

1

v2
M2

∑

j

Xj |Rj2|2 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.69)

=⇒
∑

j

Xj |Rj2|2 = 3.3× 10−10eV

(
keV

M1

)2

(5.70)

ここで、{X1, X2, X3}のうち最も小さいものをXmin とおくと、左辺は
∑

j

Xj |Rj2|2 > Xmin

∑

j

|Rj2|2 (5.71)

> Xmin

∣∣∣∣∣∣

∑

j

R2
j2

∣∣∣∣∣∣
(5.72)

= Xmin (5.73)

となる。よって

Xmin < 3.3× 10−10eV

(
keV

M1

)2

(5.74)

が必要である。
重いニュートリノと軽いニュートリノの間の振動は常に存在するが、本章では暗黒物質 N1 は熱浴から作られ、

Dodelson-Widrow機構によっては作られない場合を考えているので、(3.114)から

(m̃†
Dm̃D)11 < (0.077eV)2 (5.75)

が必要である。すなわち

M1

∑

j

Xj |Rj1|2 < (0.077eV)2 (5.76)

=⇒
∑

j

Xj |Rj1|2 < 5.93× 10−6eV
keV

M1
(5.77)

である。また、X線観測によって N1 が見つかっていないことによる制限 (4.6)は、

Θ2
1 =

∑

α

|(yα1M−1
R V )α1|2 (5.78)

=
∑

α

|(yα1V ∗Mdiag −1
N )α1|2 (5.79)

= (m̃†
Dm̃D)11/M

2
1 (5.80)

より

Θ2
1 = M1

∑

j

Xj |Rj1|2/M2
1 ! 1.8× 10−5

(
keV

M1

)5

(5.81)

=⇒
∑

j

Xj |Rj1|2 ! 1.8× 10−2eV

(
keV

M1

)4

(5.82)

45

5.2.1 パラメータへの制限
Casas-Ibarraパラメタリゼーションにより、シーソー関係式 (5.64)を満たす ỹ = yV ∗ は次のように表せる (B.10)。

ỹv = iVν(X
diag
ν )1/2R(Mdiag

R )1/2 (5.66)

ただし、

Xν ≡ mν −ML, Xdiag
ν = V †XνV

∗ (5.67)

で、Rは RRT = 1を満たす任意の行列である。また、崩壊レート等の物理量に現れる湯川結合定数は

v2(ỹ†ỹ)IJ =

(√
Mdiag

N R†
√
Xdiag
ν V †

ν Vν

√
Xdiag
ν R

√
Mdiag

N

)

IJ

(5.68)

=
√
MIMJ

∑

j

XjR
∗
jIRjJ (5.69)

となる。
(5.44)より、

1

v2
M2

∑

j

Xj |Rj2|2 = 1.1× 10−14

(
keV

M1

)2( M2

109GeV

)
(5.70)

=⇒
∑

j

Xj |Rj2|2 = 3.3× 10−10eV

(
keV

M1

)2

(5.71)

ここで、{X1, X2, X3}のうち最も小さいものをXmin とおくと、左辺は
∑

j

Xj |Rj2|2 > Xmin

∑

j

|Rj2|2 (5.72)

> Xmin

∣∣∣∣∣∣

∑

j

R2
j2

∣∣∣∣∣∣
(5.73)

= Xmin (5.74)

となる。よって

Xmin < 3.3× 10−10eV

(
keV

M1

)2

(5.75)

が必要である。
重いニュートリノと軽いニュートリノの間の振動は常に存在するが、本章では暗黒物質 N1 は熱浴から作られ、

Dodelson-Widrow機構によっては作られない場合を考えているので、(3.114)から

(m̃†
Dm̃D)11 < (0.077eV)2 (5.76)

が必要である。すなわち

M1

∑

j

Xj |Rj1|2 < (0.077eV)2 (5.77)

=⇒
∑

j

Xj |Rj1|2 < 5.93× 10−6eV
keV

M1
(5.78)

である。また、X線観測によって N1 が見つかっていないことによる制限 (4.6)は、

Θ2
1 =

∑

α

|(yα1M−1
R V )α1|2 (5.79)

=
∑

α

|(yα1V ∗Mdiag −1
N )α1|2 (5.80)

= (m̃†
Dm̃D)11/M

2
1 (5.81)

45

V †
⌫ X⌫V

⇤
⌫

Then, R is almost determined as

R ∼




−R22 1 −R31

1 R22 −R32

R31 R32 1



 , (45)

|R31|2 < 2× 10−5 eV

X3

keV

M1
(46)

|R22|2 ≤ 3.3× 10−510
−5eV

X2

(
keV

M1

)2

(47)

|R32|2 ≤ 3.3× 10−10 eV

X3

(
keV

M1

)2

(48)

Im
[
R2

32

]
= 1.5× 10−10

(
eV

X3

)2 keV

M1

109GeV

M3

1

g(M2
3/M

2
2 )
. (49)

R22, R31, R32 are much smaller than 1, so R is orthogonal. From (48), (49), and using
—Im[R2

32]| ≤ |R32|2, we obtain

X3 ≥ 0.45eV
M1

keV

109GeV

M3

1

|g(M2
3/M

2
2 )|

. (50)

It justifies the assumption (44). If there is no tuning between two terms in right hand
side of (9), X1,2,3 is smaller than O(1) eV. Assuming also M3 > 2M2, g(M2

3/M
2
2 ) can be

approximated as

g(M2
3/M

2
2 ) ∼ −3M2

2M3
. (51)

From (50) we obtain

M2 ! O(108)GeV. (52)

This is the reason for dividing M2 by 109GeV. The condition from sphaleron temperature
(33) is satisfied naturally.

We would like to compare the results with observations, especially X-ray observation.
The mixing of N1 is

Θ2
1 =

X2 +X3|R31|2

M1
. (53)

Note that X1|R11|2 & X2, X3|R31|2. We have plotted this in figure 2 with various con-
straints.

Recently, possible sterile neutrino signal was found [?, ?]. They say

M1 = 7.1keV (54)

4Θ2
1 = 7× 10−11. (55)

These correspond to

X2 +X3|R31|2 = 1.2× 10−7eV (56)

in our model. This point is shown in fig. 2.
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Constraints	  on	  νR1	  DM	

Mixing	

10-7 eV

10-5 eV
dS
Ph
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a

WN1 >WDM

X-ray

X2 + X3 R31 2 = 10-9 eV

1 2 5 10 20 50 100

10-12
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Figure 2:

4 Conclusion
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Summary	
Model:	  	  
• neutrino	  mass	  explained	  by	  heavy	  νR	  
• νR1	  DM	  produced	  as	  thermal	  relic	  (over	  produc8on)	  
• Decay	  of	  νR2	  dilute	  νR1	  and	  produce	  maDer-‐an8-‐maDer	  
asymmetry	  
	  
Conclusion:	  
• mν,	  DM,	  asymmetry	  of	  maDer	  can	  be	  explained	  
simultaneously	  
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ニュートリノの混合	

弱い相互作用の固有状態	  
	  
	  
	  
重いニュートリノは、混合により弱い相互作用をする	  
強さ：	  
	  
	  
	  
	  
重いニュートリノの反応性を決定する変数	

⌫L↵ = U↵i⌫
0
Li + ✓↵I⌫

0c
RI

νi

νj

νj

g(U †Θ)iI

g

Z

NI

図 3.3: N → ννν

ΓN1→3ν =
G2

FM
5
1

192π3
θ21 (3.78)

= 2.30× 10−35eV

(
M1

keV

)5

θ21 (3.79)

=
1

2.86× 1019s

(
M1

keV

)5

θ21 (3.80)

となる（付録 F参照）。N1 が暗黒物質として現在も残っているためには、崩壊レートが宇宙年齢の逆数

1

13.8Gyr
=

1

13.8× 3.16× 109+7s
=

6.58× 10−16eV

43.6× 1016
= 1.51× 10−33eV (3.81)

よりも小さい必要がある。この制限により
(

M1

keV

)5

θ21 < 66 (3.82)

が得られる。宇宙年齢からの制限よりも強い制限が後に述べる X線観測から得られている。

3.3.2 Dodelson-Widrow機構
ここでは、暗黒物質としての右巻きニュートリノの生成機構として最初に考えられた、Dodelson-Widrow機構 [22]

を説明する。第 4章ではゲージ相互作用による熱的残存粒子である場合を考える。
簡単のため、左巻きニュートリノ νLαのうちの一つと右巻きニュートリノN1の振動のみを考える。3.2.2節での議

論より、暗黒物質としての重いニュートリノの分布関数 fN は次の式に従う。

∂

∂t
fN (p, t)−Hp

∂

∂p
fN (p, t) = Γνα→N1(p, t)[fα(p, t)− fN (p, t)] (3.83)

fα, α = e, µ, τ は左巻きニュートリノ νLα の分布関数で、

fα =
1

ep/T + 1
(3.84)

である。N1 が νLα からの振動によって作られるレートは、(2.116)の振動確率を用いて、

Γνα→N1(p, t) $ 〈Pνα→νs(p, t)〉Γα (3.85)

= sin2 2θM sin2
∆M t

2
Γα (3.86)

と近似できる。Γα は νLα が熱浴と反応するレートで

Γα $ 7π

24
G2

FT
4E (3.87)

27

✓↵I ⌘ (mDM�1)↵I

⇠ g✓I

⌫i

✓2I ⌘
X

↵=e,µ,⌧

|✓↵I |2
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• g(x)	

NI LLα

Φ

LLβ

Φ∗

NJ

Φ∗

LLβ

Φ

LLβ

NJNJNI

Φ

LLα LLα

LLα

Φ

Φ

(a)

(c) (d)

(b)

NI
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図 3.2: g(x)（実線）およびその漸近式 − 3
2
√
x
（点線）。

温度による効果を無視すると、εは

εIα =
|M(NI → LαΦ)|2 − |M(NI → LαΦ∗)|2

∑
α{|M(NI → LαΦ)|2 + |M(NI → LαΦ∗)|2}

(3.35)

これは、図 3.1の 1ループまでの計算により、次を得る (付録 E 参照)。

εIα =
1

8π

1

(y†y)II

∑

J

{
Im(yαIy

∗
αJ (y

†y)JI)g

(
M2

J

M2
I

)
+ Im(yαIy

∗
αJ(y

†y)IJ)
M2

I

M2
I −M2

J

}
(3.36)

ただし、

g(x) ≡
√
x

(
1

1− x
+ 1− (1 + x) ln

1 + x

x

)
(3.37)

と定義した。この関数は図 3.2のように振る舞う。

23
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第 3章

右巻きニュートリノへの制限

右巻きニュートリノは、現象への影響が豊富にあり、図のように様々な観測、実験から
パラメーターに対する制限が得られている。本章ではこれらを説明する。

3.1 N1 が暗黒物質の場合の制限
3.1.1 Tremaine-Gunn境界

Tremaine-Gunn 境界 [2] は、右巻きニュートリノに限らず、フェルミオンの暗黒物質
の質量に下限を与える。以下でこれを導出する。
一般に、フェルミオンは位相空間において一つの自由度につき (2π)3 以上の体積を占め
る。その粒子の自由度を gDM とおくと

n

〈p2〉3/2
< max f(p) =

gDM

(2π)3
(3.1)

ここで、観測可能な量である Qを次のように定義する。

Q ≡ ρ

〈v2/3〉3/2
(3.2)

= 33/2m4
DM

n

〈p2〉3/2
(3.3)

(3.1)より、

m >

(
(2π)3

33/2gDM
Q

)1/4

(3.4)

よって、観測対象における暗黒物質の位相空間密度が高いほど、質量の制限は強くなる。
その最も良い例は矮小楕円体銀河で、矮小楕円体銀河は暗黒物質が支配的なコンパクト天
体である。Coma Berenices、Leo IV、Canes Venaciti IIから、

q = 5× 10−3 ∼ 2× 10−2, (3.5)

Q = q
M/pc3

(km/s)3
(3.6)

が得られている。よって、gDM = 2のとき、

m > 1.0 keV

(
q

5× 10−3

)1/4

(3.7)

が得られる。
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X-‐ray 	  bound	A. Kusenko / Physics Reports 481 (2009) 1–28 23

Fig. 12. Radiative decay of sterile neutrinos, ⌫(m)
2 ! � ⌫

(m)
1 . The X-rays produced by these decays can be detected by the X-ray telescopes, such as Chandra,

Suzaku, XMM-Newton, and the future Constellation-X.

even a small decay width can make them observable via the photons produced in the radiative decay. This offers, arguably,
the best opportunity to detect these particles. Since ⌫

(m)
2 ! � ⌫

(m)
1 is a two-body decay, the resulting photons have energy

E� = ms/2,

which corresponds to a line broadened only by the velocity dispersion of the dark matter particles in a given halo. This line,
with photon energy of a few keV, can be observed using an X-ray telescope [24].

A broad range of astrophysical systems can provide suitable targets for such observations. A concise discussion and
comparison of such observational targets can be found in Ref. [102]. First, there should be a signal from distant unresolved
sources, in the form of an isotropic extragalactic background with a (red-shifted) photon line. Second, closer objects with
high densities of dark matter provide an even better target: the Milky Way halo, the clusters of galaxies, and the dwarf
spheroid galaxies can give different contributions depending on the field of view of one’s instrument. In choosing the best
target for a specific instrument, one usually looks for themost darkmatter to fitwithin the field of view (FOV). This is because
the contribution of each individual source scales with distance r as 1/r2, while the fraction of volume slice of thickness �r
at some fixed distance r that fits within the FOV scales as r2. Therefore, to a first approximation, it is the total amount
of dark matter in the FOV that determines the sensitivity of the dark matter search. Based on this reasoning, as well as
the considerations of observational and instrumental backgrounds, dwarf spheroid galaxies are probably best suited for
searching sterile neutrinos with small-FOV instruments, such as the Suzaku X-ray telescope [95,96,102].

We note in passing that the search strategy for decaying dark matter is quite different from the searches carried out
for annihilating dark matter, such as supersymmetric neutralinos, for example. The annihilation rates, and, therefore, the
expected signals from annihilating dark matter are proportional to the square of the density. Such predictions are sensitive
to the matter power spectrum on small scales and the morphology of such a signal is difficult to disentangle from the point
sources. In contrast, sterile neutrino decays are expected to produce a flux proportional to the first power of dark matter
number density, not the density squared. This fact, combined with the lack of small structure on sub-kpc scales for WDM,
renders the theoretical predictions for Suzaku [95,96] and other searches fairly robust.

Several types of constraints have been reported in the literature, and, depending on the underlying assumptions, the
excluded regions may differ. The X-ray flux depends on the sterile neutrino abundance. In view of the variety of possible
production mechanisms, one can considers two types of X-ray limits that give an answer to one of the following questions:

• Can a sterile neutrinowith a givenmass andmixing angle exist (even if it contributes only a small fraction to darkmatter)?
• Can a sterile neutrino with a given mass and mixing account for all of dark matter?

Both questions can be addressedwith the use of the X-ray data, but the resulting bounds on themass and themixing angle
can differ significantly. The mass and mixing angle alone do not determine the abundance of relic sterile neutrinos. They
determine unambiguously the amount of relic neutrinos produced by active-to-sterile neutrino oscillations [21], but this
need not be the only source of sterile neutrinos. Some additional amounts could be produced from the Higgs decays [17,33]
or the inflaton [65] or radion [150] decays, or any othermechanism, is controlled by someadditional parameters, unrelated to
themixing angle. It is true, however, that, regardless of howmany sterile neutrinos were produced at high temperature, the
low-temperature production by oscillations cannot be switched off (except in the low-reheat cosmological scenarios [151]).
So, for everymass andmixing angle one can calculate theminimal sterile neutrino abundance and determine the number of
sterile neutrinos in galactic halos using the methods developed in Refs. [44,21–23,25,26,28,30,152,273,63]. The abundance
calculated this way gives the lower bound on the sterile neutrino abundance. If this quantity exceeds the amount of dark
matter determined from cosmological observations, as would be the case for large mixing angles, then the particle is ruled
out. Otherwise, one can use the X-ray observations to set a model-independent bound on the mass andmixing angle for the
particle that can exist but may contribute only a small fraction of the observed dark matter [17,81–83]. Such a particle may
not solve the missing matter problem, but it can be responsible for the pulsar kicks in some range of parameters.

Alternatively, one can ask whether a sterile neutrino with a given mass and mixing can account for all the dark matter,
regardless of how it is produced in the early universe. In this case, one does not have to calculate the amount produced by
neutrino oscillations: the relic abundance is assumed to be that of dark matter. This, in turn, determines the flux of X-rays
expected from a given astrophysical object, for example, a dwarf spheroid galaxy. The X-ray bounds obtained this way will,
in general, be stronger that those based on production by oscillations.

If all the dark matter is made up of sterile neutrinos (⌦s ⇡ 0.2), then the limit on the mass and the mixing angle is
given by the dashed line in Fig. 13. However, the interactions in the Lagrangian (1) cannot produce such an ⌦s = 0.2
population of sterile neutrinos for the masses and mixing angles along this dashed line, unless the universe has a relatively

22 A. Kusenko / Physics Reports 481 (2009) 1–28
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Fig. 11. The results of numerical calculations [19] show the increase in convection in front of a neutron star moving from left to right due to a neutrino-
driven kick. The enhanced convection puts more energy behind the shock, which leads to a stronger explosion. Another prediction of the neutrino-driven
kick is the formation of asymmetric jets, with a stronger jet in the direction of he neutron starmotion [19]. This is different fromhydrodynamicmechanisms,
inwhich one expects the stronger jet to point in the opposite direction (due tomomentumconservation). Future observationsmayhelp distinguish between
these mechanisms.

6. Heavy sterile neutrinos and their effect on the supernova explosions

A substantial range of parameters with large masses and mixing angles (Figs. 1–3) is ruled out by the combination of
the laboratory experiments and cosmology [79,61]. However, there are still windows in which the sterile neutrinos are not
only allowed, but also desirable because they could augment core collapse supernova shock energies by enhancing energy
transport from the core to the vicinity of the shock front [264,265,263].

One example is a sterile neutrino with mass between 145 and 250 MeV. This range of masses is particularly interesting
from the point of view of its induced contribution to the mass matrix of active neutrinos [61]. In this mass range the sterile
neutrinos decay predominantly into a pion and a light fermion. If the mixing angle with the electron neutrino is negligible,
and the sterile neutrino mass Ms is in the range m⇡0 < Ms < (m⇡0 + mµ), the daughter pion is the neutral pion, which
decays into two photons: ⌫(s) ! ⌫(a)⇡0 ! ⌫(a)� � [116], where a = (µ, ⌧ ). This decaymode, with lifetime⇠ 0.1 s, changes
the impact of sterile neutrinos on the supernova explosion. To distinguish sterile neutrinos that decay mainly into photons
from the other types, the authors of Ref. [263] called them eosphoric.7

While not in contradiction with supernova 1987A bounds [121], the decays of these neutrinos could produce a flux of
energetic active neutrinos, detectable by future neutrino observations in the event of a galactic supernova [263]. Moreover,
the relevant range of sterile neutrino masses and mixing angles can be probed in future laboratory experiments [266–270].

7. X-ray detection of relic sterile neutrinos

Themain decaymode of sterile neutrinos in the keVmass range is ⌫s ! 3⌫. This decaymode is ‘‘invisible’’ due to the low
energy of the daughter neutrinos. In addition to this leading mode of decay that occurs through a tree-level diagram, there
are also one-loop diagrams (Fig. 12) that allow for a photon in the final state. Therefore, the sterile neutrinos can decay into
the lighter neutrinos and the X-ray photons: ⌫s ! � ⌫a [271]. The radiative decay width is equal to [271,272]

�⌫s!� ⌫a = 9
256⇡4 ↵EM G2

F sin2 ✓ m5
s

= 1
1.8 ⇥ 1021 s

sin2 ✓
⇣ ms

keV

⌘5
, (51)

and the corresponding lifetime is many orders of magnitude longer than the age of the universe. However, since sterile
neutrinos are produced in the early universe by neutrino oscillations and, possibly, by other mechanisms as well, every dark
matter halo should contain some fraction of these particles. Given a large number of particles in these astrophysical systems,

7 From the ancient Greek god E!�'ó⇢o& , the bearer of light.
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バリオン数生成	

• CP:νRの湯川相互作用	  
• 熱平衡からのずれ：	  
熱浴の外にいるνRの崩壊	  
	  
作られるレプトン数：	  
	  
CPの破れ：	  
	  
	  
量子異常によりレプトン数はバリオン数に変換	  

となる。また、反応レートの熱平均の定義 (3.33)を用いると、粒子数密度についての Boltzmann方程式は

ṅα + 3Hnα =
1

2
〈ΓNI→LαΦ〉[nI

(
1 +

µα
T

)
− neq

I ] (3.54)

となる。ただし nα = nνα = nlα である。反粒子の化学ポテンシャルは粒子の (−1)倍であるので、

ṅᾱ + 3Hnᾱ =
1

2
〈Γ̄NI→LαΦ〉[nI

(
1− µα

T

)
− neq

I ] (3.55)

正味のレプトン数密度は

nLα ≡ 2(nα − nᾱ), (3.56)

ṅLα + 3HnLα = (〈ΓNI→LαΦ〉 − 〈ΓNI→LαΦ〉)[nI − neq
I ]− 2〈ΓNI→LαΦ〉

µα
T

neq
I (3.57)

= εIα〈ΓNI→LαΦ〉[nI − neq
I ]− 9ζ(3)

2π2
〈ΓNI→LαΦ〉

nLα

nα
neq
I (3.58)

に従う。ただし、(2.168)と (2.202)から

nLα

nα
= 2

2T 2

6 µα

2 3ζ(3)
4π2 T 3

=
4π2

9ζ(3)

µα
T

(3.59)

である事を用いた。 重いニュートリノについては

ṅL + 3HnL = −〈ΓNI→LαΦ〉[nI − neq
I ] (3.60)

となる [20]。(3.58)の第二項はnLαと反対符号であり、レプトン数を 0に近づける効果を現している。そのためWashout

項と呼ばれる。
最も効率的にレプトン数が作られる場合を考える。これはWashout項が無視できる場合である。このとき、Boltzmann

方程式から

d(nLαa
3)

dt
= −εIα

d(nIa3)

dt
(3.61)

=⇒ nLαa
3
e = εIαnIa

3
s (3.62)

という関係が成り立つ。as, ae は N1 の崩壊前と後のスケール因子である。NI の崩壊前後でエントロピーが保存して
いる場合、

sa3e = sa3i (3.63)

なので、これで割ると

YLα |崩壊後 = εIαYI |崩壊前 (3.64)

となる。NI が相対論的に熱浴から脱結合していれば、効率係数 ηα = 1の場合に相当する。

3.2.3 Davidson-Ibarra 境界
CP非対称性 εには上限があり、これはレプトジェネシスを起こす右巻きニュートリノの質量の下限を与える。この

制限を Davidson-Ibarra境界と呼ぶ [18]。以下でそれを求める。
(3.28)で効率係数 ηα ≤ 1であるので、NI の崩壊によって作られるレプトンのフレーバー αについて和をとる。す

ると (3.36)の第二項は
∑

α

Im(yαIy
∗
αJ(y

†y)IJ) = Im(|y†y|2IJ) = 0 (3.65)

より消えて、

εI ≡
∑

α

εIα =
1

8π

∑
J Im[((y†y)JI)2]g(M2

J/M
2
I )

(yy†)II
(3.66)

25

YB =
28

79
YL

3.1.2 重いニュートリノの弱い相互作用
(3.20)で、O(θ2)を無視すると、左巻きニュートリノは

νL = Uν′L +Θν′cR (3.23)

と表せる。ただし

Θ ≡ θV (3.24)

と定義した。これを用いて、荷電カレント (2.35)とニュートリノの中性カレント (2.36)を質量固有状態 (3.20)で書き
直すと

jµW = 2
(
ν′LU

† + ν′cRΘ
†
)
γµlL, (3.25)

jµZ,ν =
(
ν′LU

† + ν′cRΘ
†
)
γµ (Uν′L +Θν′cR) (3.26)

= ν′Lγ
µν′L + ν′Lγ

µU †Θν′cR + ν′cRγ
µΘ†Uν′L +O(Θ2) (3.27)

となる。よって、重いニュートリノ νcR は弱い相互作用をし、その結合定数は軽いニュートリノと比べて Θで抑制さ
れていることが分かる。これは重いニュートリノの性質を特定するために重要なパラメータである。

3.2 レプトジェネシス
3.2.1 CPの破れ
標準模型に右巻きニュートリノを加えることで、2.3.1節で示した Sakharovの３条件のうち、標準模型では満たせ

なかった条件を満たす事ができる。

1. CP の破れ：ニュートリノの湯川相互作用

3. 平衡からのずれ：重いニュートリノの崩壊

重いニュートリノの崩壊によるレプトン数生成の事をレプトジェネシスと呼ぶ [16].。このレプトン数の一部がスファ
レロン過程によってバリオン数に変換される。
一般に、NI の崩壊によって作られる現在のバリオン数のエントロピー比は

YB =
135ζ(3)

4π4g∗f

∑

α

εIαηαC (3.28)

と書ける。εα は N の崩壊の CP非対称性、ηα は効率係数、C は B + Lを破る過程によってできるバリオン数と元
のレプトン数の比で、g∗f は Nが熱浴から分離する時の熱浴にいる粒子の自由度である。標準模型では (2.195)より
C = −28/79である。 135ζ(3)

4π4g∗f
は NI は相対論的に熱浴から脱結合をした場合のエントロピー比で、相対論的な状態か

らのずれや後に説明するウォッシュアウトによる効果等は ηα に含まれる。
重いMajoranaニュートリノは、粒子と反粒子が同じ事から、次の 2通りの崩壊をする。

N →LL + Φ (3.29)

→LL + Φ∗ (3.30)

εはこの崩壊の非対称性として次のように定義される。

εIα ≡ 〈Γ(NI → LαΦ)〉 − 〈Γ(NI → LαΦ∗)〉
∑
α{〈Γ(NI → LαΦ)〉+ 〈Γ(NI → LαΦ∗)〉}

(3.31)

ここで 〈Γ(i → f)〉は熱的に平均化した崩壊レートで、粒子 iが Boltzmann分布の時は次の式で表される。

〈Γ(i → f)〉 =
∫

dΠidΠf δ̃if |M(i → f)|2e−Ei/T , (3.32)

dΠi ≡
d3pi

(2π)32Ei
, (3.33)

δ̃if ≡ (2π)4δ4(pi − pf ) (3.34)
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温度による効果を無視すると、εは

εIα =
|M(NI → LαΦ)|2 − |M(NI → LαΦ∗)|2

∑
α{|M(NI → LαΦ)|2 + |M(NI → LαΦ∗)|2}

(3.35)

これは、図 3.1の 1ループまでの計算により、次を得る (付録 E 参照)。

εIα =
1

8π

1

(y†y)II

∑

J

{
Im(yαIy

∗
αJ (y

†y)JI)g

(
M2

J

M2
I

)
+ Im(yαIy

∗
αJ(y

†y)IJ)
M2

I

M2
I −M2

J

}
(3.36)

ただし、

g(x) ≡
√
x

(
1

1− x
+ 1− (1 + x) ln

1 + x

x

)
(3.37)

と定義した。この関数は図 3.2のように振る舞う。
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Based on the data and population models, the average velocity estimates range from 250 km/s to 500 km/s [195–202].
The distribution of velocities is non-Gaussian, and there is a substantial population of pulsars with velocities in excess of
700 km/s. Some 15% of pulsars [201,202] appear to have velocities greater than 1000 km/s, while the fastest pulsars have
speeds as high as 1600 km/s. Obviously, an acceptable mechanism for the pulsar kicks must be able to explain these very
fast moving pulsars. In addition, one hopes that the pulsar spins can be explained by the same kick mechanism [204].

Pulsars are born in supernova explosions, so it would be natural to look for an explanation in the dynamics of the
supernova [205–207]. However, 3-dimensional numerical calculations often fail to explain pulsar kicks in excess of 200 km/s
[206]. The exciting recent discovery of standing accretion shock instability (SASI) [208,209] could lead to an explanation
of both the pulsar kick and the spin. However, it appears that this mechanism predicts a misalignment between the axis
of rotation and the direction of the pulsar velocity because the spiral SASI mode, instrumental in spinning up the pulsar,
is expected to give it a kick in the direction orthogonal to the axis of rotation [210]. At the same time, the observational
evidence is growing in favor of alignment of the direction of motion with the axis of rotation [211–219]. (As discussed
below, such an alignment is a generic prediction of the neutrino driven kick mechanisms.)

The hydrodynamic kick could be stronger if some large initial asymmetries developed in the cores of supernova
progenitor stars prior to their collapse. Goldreich et al. [220] have suggested that unstable g-modes trapped in the iron
core by the convective burning layers and excited by the ✏-mechanism may provide the requisite asymmetries. However,
according to numerical calculations [221], the ✏-mechanismmay not have enough time to significantly amplify the g-modes
prior to the collapse. Evolution of close binaries [222] and asymmetric emission of radio waves [223] have been considered
as possible causes of the rapid pulsar motions. However, both of these explanations fail to produce a large enough effect.

Most of the supernova energy, asmuch as 99%of the total 1053 erg, is emitted in neutrinos. A fewper cent anisotropy in the
distribution of these neutrinoswould be sufficient to explain the pulsar kicks. This could be an alternative to a hydrodynamic
mechanism which would require a much larger asymmetry in what remains after the neutrinos are subtracted from the
energy balance. The numerical calculations of the supernova assume that neutrino distribution is isotropic. What if this is
not true?

Since the total energy released in supernova neutrinos is E ⇠ 3 ⇥ 1053 erg, the outgoing neutrinos carry the total mo-
mentum

p⌫,total ⇠ 1 ⇥ 1043g cm/s. (29)

A neutron star with mass 1.4M� and speed v = 1000 km/s has momentum

p⇤ = (1.4M�)v ⇡ 3 ⇥ 1041
✓

v

1000 km/s

◆
g cm/s

⇡ 0.03
✓

v

1000 km/s

◆
p⌫,total. (30)

A few per cent asymmetry in the neutrino distribution is, therefore, sufficient to explain the observed pulsar velocities.What
could cause such an asymmetry? The obvious suspect is the magnetic field, which can break the spherical symmetry and
which is known to have an effect on weak interactions. Wewill examine this possibility in detail. Rather than discussing the
calculations presented in the original papers, we will follow a simple (and more pedagogical) discussion from Ref. [15].

5.2. Why a sterile neutrino can give the pulsar a kick

Active neutrinos are always producedwith an anisotropy in a strong magnetic field, but they usually escape isotropically.
The asymmetry in production comes from the asymmetry in the basic weak interactions in the presence of a magnetic field.
Indeed, if the electrons and other fermions are polarized by the magnetic field, the cross sections of the urca processes, such
as

n + e+ ⌦ p + ⌫̄e,

p + e� ⌦ n + ⌫e,

depend on the orientation of the neutrinomomentumwith respect to the electron spin. The polarization of electrons creates
an asymmetry:

� (" e�, " ⌫) 6= � (" e�, # ⌫) (31)

Depending on the fraction of the electrons in the lowest Landau level, this asymmetry can be as large as 30%, which is,
seemingly, more than one needs to explain the pulsar kicks [224]. However, this asymmetry is completely washed out by
scattering of neutrinos on their way out of the star [225,226]. This is intuitively clear because, as a result of scatterings, the
neutrino momentum is transferred to and shared by the neutrons. The neutrinos undergo multiple scattering and remain
almost in equilibrium as they diffuse out of the protoneutron star. In the approximate thermal equilibrium, no asymmetry
in the production or scattering amplitudes can result in amacroscopicmomentum anisotropy. This statement can be proved
rigorously [225,226].
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core by the convective burning layers and excited by the ✏-mechanism may provide the requisite asymmetries. However,
according to numerical calculations [221], the ✏-mechanismmay not have enough time to significantly amplify the g-modes
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as possible causes of the rapid pulsar motions. However, both of these explanations fail to produce a large enough effect.
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mechanism which would require a much larger asymmetry in what remains after the neutrinos are subtracted from the
energy balance. The numerical calculations of the supernova assume that neutrino distribution is isotropic. What if this is
not true?
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p⌫,total ⇠ 1 ⇥ 1043g cm/s. (29)

A neutron star with mass 1.4M� and speed v = 1000 km/s has momentum

p⇤ = (1.4M�)v ⇡ 3 ⇥ 1041
✓

v

1000 km/s

◆
g cm/s

⇡ 0.03
✓

v

1000 km/s

◆
p⌫,total. (30)

A few per cent asymmetry in the neutrino distribution is, therefore, sufficient to explain the observed pulsar velocities.What
could cause such an asymmetry? The obvious suspect is the magnetic field, which can break the spherical symmetry and
which is known to have an effect on weak interactions. Wewill examine this possibility in detail. Rather than discussing the
calculations presented in the original papers, we will follow a simple (and more pedagogical) discussion from Ref. [15].

5.2. Why a sterile neutrino can give the pulsar a kick

Active neutrinos are always producedwith an anisotropy in a strong magnetic field, but they usually escape isotropically.
The asymmetry in production comes from the asymmetry in the basic weak interactions in the presence of a magnetic field.
Indeed, if the electrons and other fermions are polarized by the magnetic field, the cross sections of the urca processes, such
as

n + e+ ⌦ p + ⌫̄e,
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depend on the orientation of the neutrinomomentumwith respect to the electron spin. The polarization of electrons creates
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Depending on the fraction of the electrons in the lowest Landau level, this asymmetry can be as large as 30%, which is,
seemingly, more than one needs to explain the pulsar kicks [224]. However, this asymmetry is completely washed out by
scattering of neutrinos on their way out of the star [225,226]. This is intuitively clear because, as a result of scatterings, the
neutrino momentum is transferred to and shared by the neutrons. The neutrinos undergo multiple scattering and remain
almost in equilibrium as they diffuse out of the protoneutron star. In the approximate thermal equilibrium, no asymmetry
in the production or scattering amplitudes can result in amacroscopicmomentum anisotropy. This statement can be proved
rigorously [225,226].
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[206]. The exciting recent discovery of standing accretion shock instability (SASI) [208,209] could lead to an explanation
of both the pulsar kick and the spin. However, it appears that this mechanism predicts a misalignment between the axis
of rotation and the direction of the pulsar velocity because the spiral SASI mode, instrumental in spinning up the pulsar,
is expected to give it a kick in the direction orthogonal to the axis of rotation [210]. At the same time, the observational
evidence is growing in favor of alignment of the direction of motion with the axis of rotation [211–219]. (As discussed
below, such an alignment is a generic prediction of the neutrino driven kick mechanisms.)

The hydrodynamic kick could be stronger if some large initial asymmetries developed in the cores of supernova
progenitor stars prior to their collapse. Goldreich et al. [220] have suggested that unstable g-modes trapped in the iron
core by the convective burning layers and excited by the ✏-mechanism may provide the requisite asymmetries. However,
according to numerical calculations [221], the ✏-mechanismmay not have enough time to significantly amplify the g-modes
prior to the collapse. Evolution of close binaries [222] and asymmetric emission of radio waves [223] have been considered
as possible causes of the rapid pulsar motions. However, both of these explanations fail to produce a large enough effect.

Most of the supernova energy, asmuch as 99%of the total 1053 erg, is emitted in neutrinos. A fewper cent anisotropy in the
distribution of these neutrinoswould be sufficient to explain the pulsar kicks. This could be an alternative to a hydrodynamic
mechanism which would require a much larger asymmetry in what remains after the neutrinos are subtracted from the
energy balance. The numerical calculations of the supernova assume that neutrino distribution is isotropic. What if this is
not true?

Since the total energy released in supernova neutrinos is E ⇠ 3 ⇥ 1053 erg, the outgoing neutrinos carry the total mo-
mentum

p⌫,total ⇠ 1 ⇥ 1043g cm/s. (29)
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A few per cent asymmetry in the neutrino distribution is, therefore, sufficient to explain the observed pulsar velocities.What
could cause such an asymmetry? The obvious suspect is the magnetic field, which can break the spherical symmetry and
which is known to have an effect on weak interactions. Wewill examine this possibility in detail. Rather than discussing the
calculations presented in the original papers, we will follow a simple (and more pedagogical) discussion from Ref. [15].

5.2. Why a sterile neutrino can give the pulsar a kick

Active neutrinos are always producedwith an anisotropy in a strong magnetic field, but they usually escape isotropically.
The asymmetry in production comes from the asymmetry in the basic weak interactions in the presence of a magnetic field.
Indeed, if the electrons and other fermions are polarized by the magnetic field, the cross sections of the urca processes, such
as

n + e+ ⌦ p + ⌫̄e,

p + e� ⌦ n + ⌫e,

depend on the orientation of the neutrinomomentumwith respect to the electron spin. The polarization of electrons creates
an asymmetry:

� (" e�, " ⌫) 6= � (" e�, # ⌫) (31)

Depending on the fraction of the electrons in the lowest Landau level, this asymmetry can be as large as 30%, which is,
seemingly, more than one needs to explain the pulsar kicks [224]. However, this asymmetry is completely washed out by
scattering of neutrinos on their way out of the star [225,226]. This is intuitively clear because, as a result of scatterings, the
neutrino momentum is transferred to and shared by the neutrons. The neutrinos undergo multiple scattering and remain
almost in equilibrium as they diffuse out of the protoneutron star. In the approximate thermal equilibrium, no asymmetry
in the production or scattering amplitudes can result in amacroscopicmomentum anisotropy. This statement can be proved
rigorously [225,226].

1%~5%くらいの非等方性で説明できる	
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Fig. 4. For MSW resonance in the core, the sterile neutrino energy depends on the temperature around the resonance point.

where cos � = (Ek · EB)/(kB) and � is determined by the equation (dNn(r)/dr)� ⇡ e
�
3Ne/⇡

4
�1/3 B. This yields

� = eµe

⇡2 B
�

dNn(r)
dr

, (37)

where µe ⇡ (3⇡2Ne)
1/3 is the chemical potential of the degenerate (relativistic) electron gas.

In the core of the neutron star, at densities above 1014 g/cm3, one can assume the black-body radiation luminosity in
sterile neutrinos:

F⌫s(r) / T 4(r). (38)

Then the asymmetry in the momentum distribution is

�ks
ks

⇡ 1
3
T 4(r + �) � T 4(r � �)
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1
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(2�), (39)

where a factor (1/3) represents the result of integrating over angles.
Now we use the expression for � from Eq. (37) and replace the ratio of derivatives ( dT
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dNn
dr ) by dT

dNn
:
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To calculate the derivative in (40), we assume approximate thermal equilibrium. Then one can use the relation between the
density and the temperature of a non-relativistic Fermi gas:

Nn = 2(mnT )3/2p
2⇡2

Z p
zdz

ez�µn/T + 1
, (41)

wheremn andµn are the neutronmass and chemical potential. The derivative (dT/dNn) can be computed from (41). Finally,
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B. (42)

We have assumed that only one of the neutrino species undergoes a resonance transition into a sterile neutrino. The
energy, however, is shared between 6 species of active neutrinos and antineutrinos. Therefore, the final asymmetry due
to anisotropic emission of sterile neutrinos is 6 times smaller:
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. (43)

This estimate [11] can be improved by considering a more detailed model for the neutrino transport and by taking into
account time evolution of chemical potentials discussed below. However, it is clear that themagnetic field inside the neutron
star should be of the order of 1016 G. The approximation used in Eq. (38) holds as long as the resonant transition occurs deep
in the core, at a density of order 1014 g cm�3. This, in turn, means that the sterile neutrino mass must be in the keV range.

5.5. Resonance at densities below 1014 g/cm3

For smaller masses, the resonance occurs at smaller densities. Outside the core, fewer neutrinos are produced, while
there is a flux of neutrinos diffusing out of the core. Therefore, the approximation (38) is not valid.

Outside the core, the active neutrinos can interact withmatter and depositmomentum to the neutron starmedium. After
an active neutrino is converted into a sterile neutrino, it no longer interacts with matter and comes out of the star. Some of
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Based on the data and population models, the average velocity estimates range from 250 km/s to 500 km/s [195–202].
The distribution of velocities is non-Gaussian, and there is a substantial population of pulsars with velocities in excess of
700 km/s. Some 15% of pulsars [201,202] appear to have velocities greater than 1000 km/s, while the fastest pulsars have
speeds as high as 1600 km/s. Obviously, an acceptable mechanism for the pulsar kicks must be able to explain these very
fast moving pulsars. In addition, one hopes that the pulsar spins can be explained by the same kick mechanism [204].

Pulsars are born in supernova explosions, so it would be natural to look for an explanation in the dynamics of the
supernova [205–207]. However, 3-dimensional numerical calculations often fail to explain pulsar kicks in excess of 200 km/s
[206]. The exciting recent discovery of standing accretion shock instability (SASI) [208,209] could lead to an explanation
of both the pulsar kick and the spin. However, it appears that this mechanism predicts a misalignment between the axis
of rotation and the direction of the pulsar velocity because the spiral SASI mode, instrumental in spinning up the pulsar,
is expected to give it a kick in the direction orthogonal to the axis of rotation [210]. At the same time, the observational
evidence is growing in favor of alignment of the direction of motion with the axis of rotation [211–219]. (As discussed
below, such an alignment is a generic prediction of the neutrino driven kick mechanisms.)

The hydrodynamic kick could be stronger if some large initial asymmetries developed in the cores of supernova
progenitor stars prior to their collapse. Goldreich et al. [220] have suggested that unstable g-modes trapped in the iron
core by the convective burning layers and excited by the ✏-mechanism may provide the requisite asymmetries. However,
according to numerical calculations [221], the ✏-mechanismmay not have enough time to significantly amplify the g-modes
prior to the collapse. Evolution of close binaries [222] and asymmetric emission of radio waves [223] have been considered
as possible causes of the rapid pulsar motions. However, both of these explanations fail to produce a large enough effect.

Most of the supernova energy, asmuch as 99%of the total 1053 erg, is emitted in neutrinos. A fewper cent anisotropy in the
distribution of these neutrinoswould be sufficient to explain the pulsar kicks. This could be an alternative to a hydrodynamic
mechanism which would require a much larger asymmetry in what remains after the neutrinos are subtracted from the
energy balance. The numerical calculations of the supernova assume that neutrino distribution is isotropic. What if this is
not true?

Since the total energy released in supernova neutrinos is E ⇠ 3 ⇥ 1053 erg, the outgoing neutrinos carry the total mo-
mentum

p⌫,total ⇠ 1 ⇥ 1043g cm/s. (29)

A neutron star with mass 1.4M� and speed v = 1000 km/s has momentum

p⇤ = (1.4M�)v ⇡ 3 ⇥ 1041
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v

1000 km/s

◆
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A few per cent asymmetry in the neutrino distribution is, therefore, sufficient to explain the observed pulsar velocities.What
could cause such an asymmetry? The obvious suspect is the magnetic field, which can break the spherical symmetry and
which is known to have an effect on weak interactions. Wewill examine this possibility in detail. Rather than discussing the
calculations presented in the original papers, we will follow a simple (and more pedagogical) discussion from Ref. [15].

5.2. Why a sterile neutrino can give the pulsar a kick

Active neutrinos are always producedwith an anisotropy in a strong magnetic field, but they usually escape isotropically.
The asymmetry in production comes from the asymmetry in the basic weak interactions in the presence of a magnetic field.
Indeed, if the electrons and other fermions are polarized by the magnetic field, the cross sections of the urca processes, such
as

n + e+ ⌦ p + ⌫̄e,

p + e� ⌦ n + ⌫e,

depend on the orientation of the neutrinomomentumwith respect to the electron spin. The polarization of electrons creates
an asymmetry:

� (" e�, " ⌫) 6= � (" e�, # ⌫) (31)

Depending on the fraction of the electrons in the lowest Landau level, this asymmetry can be as large as 30%, which is,
seemingly, more than one needs to explain the pulsar kicks [224]. However, this asymmetry is completely washed out by
scattering of neutrinos on their way out of the star [225,226]. This is intuitively clear because, as a result of scatterings, the
neutrino momentum is transferred to and shared by the neutrons. The neutrinos undergo multiple scattering and remain
almost in equilibrium as they diffuse out of the protoneutron star. In the approximate thermal equilibrium, no asymmetry
in the production or scattering amplitudes can result in amacroscopicmomentum anisotropy. This statement can be proved
rigorously [225,226].
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distribution of these neutrinoswould be sufficient to explain the pulsar kicks. This could be an alternative to a hydrodynamic
mechanism which would require a much larger asymmetry in what remains after the neutrinos are subtracted from the
energy balance. The numerical calculations of the supernova assume that neutrino distribution is isotropic. What if this is
not true?

Since the total energy released in supernova neutrinos is E ⇠ 3 ⇥ 1053 erg, the outgoing neutrinos carry the total mo-
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A few per cent asymmetry in the neutrino distribution is, therefore, sufficient to explain the observed pulsar velocities.What
could cause such an asymmetry? The obvious suspect is the magnetic field, which can break the spherical symmetry and
which is known to have an effect on weak interactions. Wewill examine this possibility in detail. Rather than discussing the
calculations presented in the original papers, we will follow a simple (and more pedagogical) discussion from Ref. [15].

5.2. Why a sterile neutrino can give the pulsar a kick

Active neutrinos are always producedwith an anisotropy in a strong magnetic field, but they usually escape isotropically.
The asymmetry in production comes from the asymmetry in the basic weak interactions in the presence of a magnetic field.
Indeed, if the electrons and other fermions are polarized by the magnetic field, the cross sections of the urca processes, such
as

n + e+ ⌦ p + ⌫̄e,
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depend on the orientation of the neutrinomomentumwith respect to the electron spin. The polarization of electrons creates
an asymmetry:
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Depending on the fraction of the electrons in the lowest Landau level, this asymmetry can be as large as 30%, which is,
seemingly, more than one needs to explain the pulsar kicks [224]. However, this asymmetry is completely washed out by
scattering of neutrinos on their way out of the star [225,226]. This is intuitively clear because, as a result of scatterings, the
neutrino momentum is transferred to and shared by the neutrons. The neutrinos undergo multiple scattering and remain
almost in equilibrium as they diffuse out of the protoneutron star. In the approximate thermal equilibrium, no asymmetry
in the production or scattering amplitudes can result in amacroscopicmomentum anisotropy. This statement can be proved
rigorously [225,226].
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However, if the neutron star cooling produced some particles whose interactions with nuclear matter were even weaker
than those of ordinary neutrinos, such particles could escape the star with an anisotropy equal the anisotropy in their
production. The state ⌫

(m)
2 in Eq. (14), whose interactions are suppressed by (sin2 ✓), can play such a role. This could be

the explanation of the observed velocities of pulsars. It is intriguing that the same particle can make up the dark matter.
Let us again consider a model with only one sterile neutrino in which the mass eigenstates are admixtures of active

and sterile neutrinos, as in Eq. (14). For a sufficiently small mixing angle in matter, ✓m, between ⌫e and ⌫s, only one of the
two mass eigenstates, ⌫(m)

1 , is trapped in the core of a neutron star. The orthogonal state, ⌫(m)
2 , escapes from the star freely.

This state is produced in the same basic urca reactions (e.g., n + e+ ⌦ p + ⌫̄e and p + e� ⌦ n + ⌫e) with the effective
Lagrangian coupling equal to the weak coupling times sin ✓m. The production and anisotropy can be greatly enhanced if the
active neutrinos undergo a resonant conversion into the sterile neutrinos at some density [11]. This effect plays an important
role in some range of parameters, although this kind of enhancement is not a necessary condition for the pulsar kick. We
will consider two ranges of parameters, for which the ⌫e ! ⌫s oscillations occur on and off resonance.

5.3. Pulsar kicks from active–sterile neutrino oscillations

Let us consider neutrino cooling during the first 10–15 s after the formation of a hot protoneutron star. Depending on
the mass and the mixing angle, there may or may not be a resonant conversion of the active to sterile neutrinos at some
density in a hot neutron star. If there is an MSW resonance, the position of the resonance point depends on the density and
the magnetic field. The latter introduces the required anisotropy. In the absence of the MSW resonance, an off-resonance
emission from the entire volume of the neutron star core is possible. We will see that this emission is efficient only after
the matter potential has evolved from its initial value to nearly zero. This important evolution [23] requires some time, and
can cause a delayed kick [18], which, in turn, imposes constraints on the masses and mixing angles. We will consider the
following three possibilities for the pulsar kick:

1. MSW resonance in the core (⇢ > 1014 g/cm3)
2. MSW resonance outside the core (⇢ < 1014 g/cm3)
3. an off-resonance emission from the core.

The three regimes are probably mutually exclusive. For example, for all the masses that are consistent with the resonance,
the matter potential evolves very slowly, and there is no significant emission from the core off-resonance.

5.4. MSW resonance in the core

For simplicity, let us assume that inside the star there exists a uniform (dipole) magnetic field EB. Neutrino oscillations in
amagnetizedmedium are described by an effective potential that depends on themagnetic field [227–235] in the following
way:

V (⌫s) = 0, (32)
V (⌫e) = �V (⌫̄e) = V0(3 Ye � 1 + 4 Y⌫e), (33)

V (⌫µ,⌧ ) = �V (⌫̄µ,⌧ ) = V0(Ye � 1 + 2 Y⌫e) + eGFp
2

✓
3Ne

⇡4

◆1/3 Ek · EB
|Ek|

, (34)

where Ye (Y⌫e ) is the ratio of the number density of electrons (neutrinos) to that of neutrons, EB is the magnetic field, Ek is the
neutrino momentum, V0 = 10 eV(⇢/1014g/cm3). The magnetic field dependent term in Eq. (34) arises from polarization of
electrons and not from a neutrino magnetic moment, which in the Standard Model is small, and which we will neglect. (A
large neutrino magnetic moment can produce a pulsar kick through a different mechanism proposed by Voloshin [236].)

The condition for a resonant MSW conversion ⌫i $ ⌫j is

m2
i

2k
cos 2✓ij + V (⌫i) =

m2
j

2k
cos 2✓ij + V (⌫j) (35)

where ⌫i,j can be either a neutrino or an anti-neutrino.
In the presence of themagnetic field, condition (35) is satisfied at different distances r from the center (Fig. 4), depending

on the value of the (Ek · EB) term in (34). The average momentum carried away by the neutrinos depends on the temperature
of the region from which they escape. The deeper inside the star, the higher is the temperature during the neutrino cooling
phase. Therefore, neutrinos coming out in different directions carry momenta which depend on the relative orientation of
Ek and EB. This causes the asymmetry in the momentum distribution.

The surface of the resonance points is

r(�) = r0 + � cos�, (36)
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Fig. 4. For MSW resonance in the core, the sterile neutrino energy depends on the temperature around the resonance point.

where cos � = (Ek · EB)/(kB) and � is determined by the equation (dNn(r)/dr)� ⇡ e
�
3Ne/⇡

4
�1/3 B. This yields

� = eµe

⇡2 B
�

dNn(r)
dr

, (37)

where µe ⇡ (3⇡2Ne)
1/3 is the chemical potential of the degenerate (relativistic) electron gas.

In the core of the neutron star, at densities above 1014 g/cm3, one can assume the black-body radiation luminosity in
sterile neutrinos:

F⌫s(r) / T 4(r). (38)

Then the asymmetry in the momentum distribution is

�ks
ks

⇡ 1
3
T 4(r + �) � T 4(r � �)

T 4(r)
⇡ 4

3
1
T
dT
dr

(2�), (39)

where a factor (1/3) represents the result of integrating over angles.
Now we use the expression for � from Eq. (37) and replace the ratio of derivatives ( dT

dr )/(
dNn
dr ) by dT

dNn
:

�ks
ks

⇡ 2e
3⇡2

✓
µe

T
dT
dNn

◆
B. (40)

To calculate the derivative in (40), we assume approximate thermal equilibrium. Then one can use the relation between the
density and the temperature of a non-relativistic Fermi gas:

Nn = 2(mnT )3/2p
2⇡2

Z p
zdz

ez�µn/T + 1
, (41)

wheremn andµn are the neutronmass and chemical potential. The derivative (dT/dNn) can be computed from (41). Finally,

�ks
ks

= 8e
p
2

⇡2

µeµ
1/2
n

m3/2
n T 2

B. (42)

We have assumed that only one of the neutrino species undergoes a resonance transition into a sterile neutrino. The
energy, however, is shared between 6 species of active neutrinos and antineutrinos. Therefore, the final asymmetry due
to anisotropic emission of sterile neutrinos is 6 times smaller:

�ks
k

= 1
6

�ks
ks

= 4e
p
2

3⇡2

µeµ
1/2
n

m3/2
n T 2

B

= 0.01
⇣ µe

100 MeV

⌘ ⇣ µn

80 MeV

⌘1/2
✓
20 MeV

T

◆2 ✓
B

3 ⇥ 1016 G

◆
. (43)

This estimate [11] can be improved by considering a more detailed model for the neutrino transport and by taking into
account time evolution of chemical potentials discussed below. However, it is clear that themagnetic field inside the neutron
star should be of the order of 1016 G. The approximation used in Eq. (38) holds as long as the resonant transition occurs deep
in the core, at a density of order 1014 g cm�3. This, in turn, means that the sterile neutrino mass must be in the keV range.

5.5. Resonance at densities below 1014 g/cm3

For smaller masses, the resonance occurs at smaller densities. Outside the core, fewer neutrinos are produced, while
there is a flux of neutrinos diffusing out of the core. Therefore, the approximation (38) is not valid.

Outside the core, the active neutrinos can interact withmatter and depositmomentum to the neutron starmedium. After
an active neutrino is converted into a sterile neutrino, it no longer interacts with matter and comes out of the star. Some of
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Fig. 7. The allowed regions for delayed kicks with delays from 1 through 5 s (assuming the other parameters are fixed) are shown by black solid lines
marked by the numbers representing the delay time in seconds [18].

the first 10 s of explosion. There is no reason to believe that it has the same direction or magnitude as the surface field at the
end of the neutrino cooling phase. This, however, is only one of several stages in the evolution of the magnetic field. Next, at
some temperature below 0.5 MeV, the nuclear matter becomes a type-II superconductor. The magnetic field lines form the
flux tubes, reconnect, and migrate. Next, over somemillions of years, the pulsar rotation converts the magnetic field energy
into radio waves and causes the field to evolve even further. The end result of this evolution is, of course, a configuration of
magnetic fields that is very different from what it was five seconds after the onset of the supernova.

Clearly, themagnetic field inside a hot young neutron star is not expected to havemuch correlationwith the surface field
of a present-day pulsar.

5.11. Spin-kick from neutrinos

Spruit and Phinney [204] pointed out that the pulsar rotational velocities may also be explained by the kick received
by the neutron stars at birth. The core of the progenitor star is likely to co-rotate with the whole star until about 10 years
before the collapse. This is because the core should be tied to the rest of the star by the magnetic field. However, then the
angular momentum of the core at the time of collapse is 103 times smaller than the angular momentum of a typical pulsar.
Spruit and Phinney [204] have pointed out that the kick that accelerates the pulsar can also spin it up, unless the kick force
is exerted exactly head-on.

The neutrino kick can be strongly off-centered, depending on the configuration of the magnetic field. If the magnetic
field of a pulsar is offset from the center, so is the force exerted on the pulsar by the anisotropic emission of neutrinos.
This mechanism may explain simultaneously the high spatial velocities and the unusually high rotation speeds of nascent
neutron stars.[200] It was suggested by Phinney (private communication) that a highly off-centeredmagnetic field could be
generated by a thin-shell dynamo in a hot neutron star. Since the neutron star is cooled from the outside, a convective zone
forms near the surface and, at later times, extends to the interior. While convection takes place in the spherical shell, the
dynamo effect can cause a growth in the magnetic field. Thin-shell dynamos are believed to be responsible for generating
magnetic fields of Uranus and Neptune [247–249]. According to the Voyager 2 measurements [250], the magnetic fields of
both Uranus and Neptune are off-centered dipoles, tilted with respect to the axis of rotation. Unlike other planets, which
have convection in the deep interior and end up with a well-centered dipole field, Uranus and Neptune have thin spherical
convective zones near the surface, which explains the peculiarity of their dynamos. During the first few seconds after the
supernova collapse, convection in a neutron star also takes place in a spherical layer near the surface. The thin-shell dynamo
can, in principle, generate an off-center magnetic field in a neutron star, just like it does in Uranus and Neptune. As a result,
the anisotropic neutrino emission can give the pulsar the kick, and also spin it up.

5.12. ⌦–v correlation

While the B–v correlation is not expected from a neutrino-driven mechanism, one does expect the correlation between
the direction of the pulsar motion and the axis of rotation. This is because the neutrino anisotropy axis is associatedwith the
dipolemagnetic field,which is rotatingwith the star. If the pulsar is accelerated by anisotropic emission of neutrinos over the
time period of several seconds, the components of the thrust orthogonal to the axis of rotation would average to zero, while
the component along the axis would not be affected by rotation (see Fig. 8). As a result, one expects the pulsar to receive
a non-vanishing kick along its rotational axis. To probe this correlation, one needs to perform accurate measurements of
the polarization of the radio signal from the pulsar. The recent observations confirm the ⌦–v correlation [211,215,216]. In
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